We have determined the abundance of Be in stars with an array of metal abundances in order to enhance our understanding of the chemical evolution of the Galaxy, cosmic-ray theory, and cosmology. Observations of the Be II resonance lines at j3130 and j3131 were made at the Keck telescope with the HIRES spectrometer at a resolution of 46,000 and signal-to-noise ratios of 60È110 (per pixel) typically. Our sample includes 22 halo dwarfs and Ðve disk stars (including the Sun). We have taken special care in determining the stellar parameters for these stars in a consistent manner. The Be abundances were found (1) from the measured equivalent width of the relatively unblended Be II line at 3131.065 with A an analysis that included 11 weak atomic and molecular lines near that wavelength and (2) from spectrum synthesis that included newly derived enhanced O (relative to Fe) in the synthesis calculations. The two methods are in excellent agreement. We Ðnd straight-line
INTRODUCTION
Knowledge of the origin and evolution of Be in the Galaxy will enhance our understanding of the chemical history of the Galaxy, cosmic-ray theory, cosmology, and possibly big bang nucleosynthesis (BBN). Unlike the heavier elements, which are formed by nuclear fusion in the high-temperature interiors of stars, Be is destroyed in stellar interiors. It is widely accepted that Be is created by interactions of high-energy cosmic rays with abun-(H&He CR ) dant elements such as C, N, O in the interstellar gas as Ðrst proposed by Reeves, Fowler (1970) ; whether these interactions take place in the immediate vicinity of supernovae or in the general interstellar gas is not completely clear. (Some evidence from Be and B points to the former locale [Duncan et al. 1997] .) In the early Galaxy, there was little but plenty of CNO ISM CNO CR , and this reaction was of greater relative importance then than now (Yoshii, Kajino, & Ryan 1997) . It also gives a Ðrst-order rather than a quadratic dependence of Be on Fe. The evolution of the abundance of Be should reÑect the production of CNO and cosmic rays and thus mirror the production of massive stars (which contribute the O atoms) and supernovae.
The study of Be in the oldest stars may reveal if any Be has been synthesized in the big bang. The standard model of BBN has had remarkable success in predicting abundances for the light isotopes of 2H, 3He, 4He, and 7Li that are in 1994 Jun 12 ; 6 \ 1994 Jul 5 ; 7 \ 1994 Oct 26 ; 8 \ 1994 Oct 27 ; 9 \ 1994 Nov 27 ; 10 \ 1995 Mar 14 ; 11 \ 1995 Mar 15 ; 12 \ CFHT, 1990 Oct 3 ; 13 \ CFHT, 1995 Oct 16. agreement with the observed or inferred primordial abundances resulting in similar values for the universal baryon density (Boesgaard & Steigman 1985 ; Deliyannis et al. 1989 ; Walker et al. 1991 ; Copi, Schramm, & Turner 1995) . Very little Be [N(Be)/N(H) \ 10~17] is produced in standard BBN models (Thomas et al. 1994 ). There are several indications that standard BBN may be incomplete and that inhomogeneous BBN might be more appropriate. Witten (1984) has suggested that the quark-hadron phase transition preceding BBN must lead to inhomogeneities. Models that include inhomogeneities in the early universe could produce a di †erent mixture of light elements than the standard models (see the review by Malaney & Mathews 1992) . Beryllium is a particularly good diagnostic as inhomogeneous models can create far more Be than the standard model does. At Ðrst, it was thought that N(Be)/N(H) might be as high as 10~13 (Malaney & Fowler 1989) , though various improvements in the physics imply that 10~15 to 10~14 might be a more realistic upper limit (Orito et al. 1997 ). This is still far above the standard value of 10~17. Inhomogeneous models also produce a higher primordial Li abundance, though more Be does not necessarily imply more Li as well.
Several groups have determined Be abundances in halo stars including Rebolo et al. (1988) , Ryan et al. (1990) , Gilmore, Edvardsson, & Nissen (1991) , Ryan et al. (1992) , Gilmore et al. (1992) , Boesgaard & King (1993) , and Molaro et al. (1997) . The last four papers show straight-line Ðts between Be and Fe and seemingly between Be and O also. Such a linear relationship seems to indicate that the environment for the spallation reactions is the vicinity of supernovae (SN IIÏs) with freshly minted CNO nuclei rather than the ambient interstellar medium. In the extreme case, a quadratic relationship between Be and Fe would be expected if the CNO atoms are proportional to the number of SN IIÏs and the cosmic rays are proportional to the instantaneous rate of SN II production. However, chemical evolution complications, such as mass outÑow from the halo, imply a more complex relationship ; in particular, there will be a shallower slope with increasing metallicity. Several models have been presented to account for the production of the light elements in the early history of the Galaxy by spallation reactions, e.g., Vangioni-Flam et al. (1990) ; Ryan et al. (1992) ; Prantzos, & VangioniCasse , Flam (1993) ; Casuso & Beckman (1997) ; Lemoine, Vangioni-Flam, & (1998) ; and Vangioni-Flam et al. Casse (1998) . Prantzos et al. (1993) have presented a detailed chemical evolution model that includes parameters such as the cosmic-ray spectrum, the early star formation rate, the rate of supernovae, mass inÑow and outÑow, and metallicity distribution functions. The slope of the observed Ðts in the log N(Be/H) versus [Fe/H] plane or log N(Be/H) versus [O/H] plane are good diagnostics to narrow the parameter space. The slopes of the Ðts may change for di †erent metallicity regimes as suggested by Deliyannis et al. (1995) and Molaro et al. (1997) for [Fe/H] \ [1.4. Malaney & Butler (1993) have applied realistic nuclear physics that suggests that the slope of the Be-Fe relation will be steeper at [Fe/H] \ [3.0 than for higher metallicities. These models provide the framework in which to interpret Be observations.
In this work we have been able to reach some especially low metallicity stars that are faint and required long exposures even with the largest telescope in the world. We have observed stars with [Fe/H] values of \[2.5 to search for a Be plateau that might indicate a BBN component of Be. In the most metal-poor stars the Be II lines are expected to be very weak so high-resolution and high signal-to-noise ratio (S/N) spectroscopy are needed. We have observed Be in stars with an array of metallicities to investigate the galactic evolution of Be. To this end we have also determined O abundances in these stars (Boesgaard et al. 1999 ) and thus have a consistently determined data set of Be and O abundances in halo stars. A preliminary report on a subset of these stars was presented by Boesgaard (1996) . We show in this study that Be abundances can be determined to a precision of^0.1 dex and that Be is highly correlated with both Fe and O.
OBSERVATIONS
Observations of Be are from the Be II resonance lines at 3130. 420 and 3131.065 in the ultraviolet (UV) spectral A region accessible from the ground. This wavelength is near the atmospheric cuto †, and more UV Ñux penetrates the atmosphere at the altitude of Mauna Kea than at other ground-based observatories. To maximize the UV Ñux, we have made observations as close as possible to the lowest air mass for each star. We report here on Keck observations of 22 metal-poor stars taken from Ðve di †erent observing runs plus one service observation obtained for us. We also took exposures of the daytime sky, as a solar spectrum, and of three disk stars for comparison with the halo stars. We include data on two other disk stars that have near-solar values of Be, Fe, and O.
Metal-poor stars in the temperature regime of our program stars are faint at the Be II wave-(T eff \ 5100È6300) lengths, so the light-gathering power of the Keck telescope was important to achieve both high resolution and high S/Ns. We used the HIRES spectrometer (Vogt et al. 1994) on the Keck I telescope. The detector was a Tektronix 20482 CCD with a quantum efficiency near 3130 of only A about 7%. The resolution of the spectra is D46,000 (FWHM \ 3 pixels) with an e †ective dispersion of 0.022 A pixel~1. The wavelength coverage was typically 3100È3150 in the order of interest. We kept our exposure times to A 30È40 minutes maximum to limit the cosmic-ray hits that might a †ect the spectra ; we co-added multiple spectra from a given night, a given run, or from di †erent runs. On each night one to three Th-Ar comparison spectra were taken, usually at the beginning and the end of the night. There were 10È18 Ñat-Ðeld exposures taken each night with exposure times of 250È300 s each to obtain sufficient counts at 3130
In addition between four and 11 bias frames were A . obtained each night.
The observations are presented in Table 1 , which gives the star names, the V and U magnitudes, B[V , the observing run dates, the individual exposures, the total exposure time, and the total S/N per pixel in the Be order. The last column contains the equivalent width of the Be II line at j3131 (see below).
3. STELLAR DATA AND ANALYSIS 3.1. Data Reduction Standard echelle reductions were carried out within the IRAF routines and have been described in Boesgaard et al. (1999) . The multiple Ñat-Ðeld and bias frames were combined to produce a nightly master Ñat and master bias frame that were applied to the stellar frames. The severe cosmic-ray hits on the CCD were identiÐed manually and removed using the IRAF FIXPIX task. The dispersion solutions were made from the ThAr nightly comparison spectra from low-order Legendre polynomial Ðts to hundreds of lines. With a dispersion in the Be II order of 0.022 pixel~1 and a measured FWHM for the comparison lines of approximately 3.1 pixels, the e †ective resolution is D46,000. In order to co-add the spectra from di †erent times of night or from di †erent nights/runs, the cross-correlation techniques in IRAF were used to determine the spectral shifts.
The continua were Ðtted quite easily for the lowest metallicity stars since the blending features in this crowded spectral region are so weak. The spectra of these stars could be used to help identify the continuum high points in the stars with progressively stronger atomic and molecular features. Examples of the spectra over a short region near the Be II lines of four stars covering a range in [Fe/H] 
Stellar Parameters
We followed the technique used in Deliyannis et al. (1999, hereafter DBKD) to determine stellar parameters in a selfconsistent way. (An abbreviated discussion of this appears in Boesgaard et al. 1999.) We have chosen to use two di †er-ent temperature scales : one that has been used widely, essentially that of Carney (1983b) , and one that is more consistent with the Balmer line temperatures and the photometric temperatures of Fuhrmann, Axer, & Gehren (1995) and Gratton, Carretta, & Castelli (1996) , essentially that of King (1993) . One to four Balmer lines were used by Fuhrmann et al. to Ðnd temperatures of more than 100 dwarfs and subgiants of a wide range of metallicities ; these temperatures, like those of King (1993) , are generally D100 K hotter than those on the Carney (1983b) Laird (1985) , Ryan (1989) , Carney & Aaronson (1979) , Carney (1980 Carney ( , 1983a , and Eggen (1978) . As in DBKD, we apply corrections for interstellar reddening where needed and use E(b [ y) from Shuster & Nissen as the primary source to estimate reddening. For the other color indices, the Johnson (1968) relations were used :
. The temperatures derived from the photometry were weighted 4 : 2 : 1 for
, and T (R[I), except for the coolest stars, where we used 3 : 3 : 1. The error from the standard deviation of the weighted mean is typically 40 K.
The values for [Fe/H] were taken from high spectral resolution determinations in the literature. These were (1) corrected to a solar value of log N(Fe/H) ] 12.0 \ 7.51 (Anders & Grevesse 1989) and (2) corrected for the temperature di †erence between the published values and our scale. Since the King scale is somewhat hotter (D100 K), it gives somewhat higher values for [Fe/H] . The mean error in the determinations of [Fe/H] is 0.14 dex.
One of the methods we employed to Ðnd gravities was to use published detailed analyses that used ionization balance to Ðnd log g, e.g., Magain (1989), Gratton & Sneden (1988) , and Tomkin et al. (1992) . We derived revised log g values to account for our values of temperature and [Fe/H]. We also used two other methods, one involving the diaStro mgren grams of versus and the other a comparison of c 0 (b [ y) 0 theoretical isochrones in the log g versus plane. More T eff discussion of this appears in DBKD and Boesgaard et al. (1999) . The mean error in log g is 0.22 dex. We have used the Magain (1987) value for microturbulence for Population II stars of m \ 1.5 km s~1.
In Tables 2 and 3 we give the derived stellar parameters for the two temperature scales and the individual errors on each parameter for each star. We have invested much e †ort in the determination of these parameters so that they are as self-consistent as possible. We have done detailed abundance analyses on each star with each of the sets of parameters and examine the dependence of our results on the stellar model inputs.
ABUNDANCE DETERMINATIONS
We have determined abundances both from spectrum syntheses and from the measured equivalent widths of Be II lines. In each method the results from the weaker, less blended line at 3131 are to be preferred. R. L. Kurucz A (1993, private communication) model atmospheres have been used throughout.
Equivalent W idth Method
We have measured the equivalent width of the Be II line at j3131 for all the stars, usually by Ðtting it with a Gaussian in the IRAF splot package. Figure 2 shows examples of the Gaussian Ðt in six stars in order of decreasing metallicity. The stronger Be II line at j3130 could be seen distinctly in some of the stars (see Figs. 1 and 2), and its equivalent width could be determined with IRAF deblend- ing techniques. However, this second line serves more to verify the presence of Be II, particularly in the weak-Be stars, than to provide an abundance determination. We found that the line appeared at the correct wavelength and at the correct ratio of the gf-values (2 to 1). The measured equivalent widths of the j3131 feature is given for each star in the right-hand column of Table 1 .
We have determined Be abundances with the line analysis program MOOG (Sneden 1973 The Be abundances from this method are given in the second column of Tables 5 and 6 .
Most previous studies of Be do not give the equivalent width of either Be II line, which makes it difficult to compare our results directly with theirs. Owing to the complex dependence of the ionization of Be I on and log g in this T eff region of the stellar parameter space (as discussed in°4.3), it is not easy to extract the equivalent widths of others from their abundances or to make a simple transformation from published abundances to what those abundances would be with our parameters. One comparison that can be made is with the data in Boesgaard & King (1993) . The mean di †er-ence between our high-resolution equivalent widths for the Be II j3131 line and theirs for the 12 stars in common is [ 2^11 mA .
Spectrum Synthesis Method with Enhanced Oxygen
In the spectrum synthesis we have combined the Be line lists of Ryan et al. (1992) and King et al. (1997) , which originally came from R. L. Kurucz (1993, private communication : CD-ROM 15) . The range in the stellar temperatures in this sample and the high S/N ratios of the spectra allowed clariÐcation of certain odd line behaviors, and some minor adjustments were made to the line list. The Keck spectrum of Procyon could be used to investigate the atomic lines because the molecular lines are virtually absent in Procyon. Two models were used, that of Ste †en (1985) and that of Tomkin & Lambert (1978) . Only the longward Be II line could be used to set an upper limit to the Be abundance. This star is very Be-deÐcient, and a weak CH line is present near the expected position of the Be line. The gf-value for one notable, blending line at j3131.058 due to CH was reduced to 4.0 ] 10~3.
For the Sun we used the solar spectrum from the solar Ñux atlas (Kurucz et al. 1984) and the Kurucz solar model. The abundance from the longward line is weighted twice the shortward line for the solar Be abundance. The Be abun- (Boesgaard et al. 1999 ) has enabled us to specify the O abundance. Instead of reducing all the heavy elements by the amount of [Fe/H], we have put in the derived amount of O. This is an important consideration because there are OH features in the Be blend.
Synthesis Ðts were made to all of the spectra with both sets of stellar parameters. Figure 3 shows a sample of the Ðnal Ðts for eight stars, six with the King parameters and two with the Carney. The Be abundance results from the syntheses are shown in the third column of Tables 5 and 6 . The agreement between the abundances determined by the equivalent width method and by spectrum synthesis is very good ; this is shown for the King-scale parameters in Figure 4 .
Beryllium Abundance Errors
For each star there is an uncertainty associated with the parameters log g, and [Fe/H] as shown in Tables 2 and  T eff , 3. There is also an uncertainty due to the placement of the continuum, which, in part, reÑects the data quality as indicated by S/N ratios from Table 1. These can be translated into errors in the Be abundances. However, this is not the usual straightforward process of *T \ X giving * log N(Be/H) \ Y and * log g \ R giving * log N(Be/ H) \ S, and then adding Y and S in quadrature. As can be seen in Boesgaard & King (1993) , in this temperature and log g regime, the Be abundance from Be II has a complex pattern. The values of the parameters, log g, and T eff , [Fe/H], inÑuence the degree of ionization of Be I ; Be II is dominant in our region of the parameter space. For various values of log g, the Be II equivalent width reaches a maximum at di †erent temperatures. (See Boesgaard & King 1993, Figs. 4, 5, and 6 for examples of the intricacies of the mutual dependencies.) Therefore, we have found the error for Be at a given temperature for the individual value for log g. For example, the error due to an uncertainty of 0.5 in log g at T eff \ 6200 K is 0.18 dex for log g \ 3.85 and 0.20 dex for log g \ 4.35. Similarly, the error due to an uncertainty of 100 K in at 6200 K is 0.04 dex at log g \ 4.5 and 0.05 T eff dex at log g \ 4.0. The temperature uncertainties are typically 40È70 K, and the corresponding uncertainty in log N(Be/H) is 0.02È0.04 dex. The uncertainties in log g are typically 0.1È0.3 dex, which corresponds to an uncertainty in log N(Be/H) of 0.04È0.12. The estimated errors due to the placement of the continuum are typically 0.02È0.06. Inasmuch as we have found uncertainties by taking into account the mutual dependences, we are free to add the errors in quadrature. The Ðnal error estimates on log N(Be/H) are given in the fourth column of Tables 5 and 6 The heavy solid line is the observed spectrum, and the dotted line is the best-Ðtting synthetic spectrum. The light solid line is the synthetic spectrum with a Be abundance a factor of 2 higher than the best Ðt, and the dashed line corresponds to a factor of 2 lower than the best Ðt. The metallicities and the Be abundances are given along with the stellar parameters of the model. HD 74000.ÈThis star is fairly hot, and the spectrum syntheses match the observed spectrum well. Both Be lines can be used, and the longward line is given twice the weight of the shortward one.
HD 76932.ÈThis spectrum is well synthesized on both temperature scales, and the two Be lines agree quite well.
HD 84937.ÈThe spectrum of this hot, metal-poor star is well matched by the synthetic spectrum on both temperature scales. The two Be lines agree to 0.05 dex. Its spectrum is shown in Figure 1d .
HD 94028.ÈFigure 3a shows the spectrum of this star. As can be seen there, its spectrum synthesis is excellent. This is signiÐcant because this star lies above the best Ðt in the Be versus Fe and Be versus O diagrams ; it may indicate that there is an intrinsic spread in Be at a given Fe.
HD 103095.ÈThis is the coolest star in our sample, and the synthetic spectra are not good matches to the observed spectrum. There is too much blending to be able to derive a Be abundance with conÐdence, even though the formal error is small. HD 140283.ÈThis star is one of the metal-poor standards, and our spectrum has a S/N ratio of 165. Its spectrum is shown in Figures 2f and 3f . The synthetic Ðts are good for the parameters on both temperature scales. The 3131 Be line gives a Be abundance that is 0.10 dex lower than the j3130 line ; the weighting is 2 : 1 for j3131 : j3130.
HD 184499.ÈThis star has strong lines ([Fe/H] \ [0.5) and only the longward Be line could be used in the Ðt due to heavy blending of the j3130 line. The j3131 line is well matched by the synthesis. Its spectrum appears in Figure  2a .
HD 194598.ÈThis spectrum can be seen in Figures 2c and 3b. As Figure 3b shows, the synthetic spectrumÈon the King scaleÈis a good match for the observed spectrum, as it is also on the Carney temperature scale.
HD 201889.ÈThe spectrum of this star can be seen in both Figures 1a and 2b . Both Be lines could be used in the synthesis Ðts, but, as usual, the abundance from the j3131 line was given twice the weight as that from the j3130 line.
HD 219617.ÈThis spectrum and the synthetic Ðt can be seen in Figure 3c . The observed spectrum has a S/N ratio of only 67, but both Be lines were well matched by the synthesis and gave similar results.
BD 37¡1458.ÈThe spectrum of this cool, metal-poor star is well matched by the synthetic spectra, and the abundances from the two Be lines agree to 0.04 dex, although the result from the j3131 line is given a weight of twice that of the j3130 line.
BD 26¡3578.ÈThe spectrum synthesis Ðt is shown in Figure 3e . The spectral features are well represented, and the results from the two Be lines are again weighted 2 : 1 for j3131 : j3130.
BD 23¡3912.ÈThe region of the Be II lines for this star can be seen in Figure 1b . The synthetic spectrum Ðts yield a well-determined Be abundance. At [Fe/H] \ [1.5, this star has distinguished itself by its especially high Li abundance of 2.56 (King, Deliyannis, & Boesgaard 1996) . Its Be abundance is normal for its metallicity.
BD 20¡3603.ÈThe Be II region of the spectrum of this star is shown in Figure 1c . Its metallicity is [2.2, and it is one of the hotter stars in the sample. The synthetic spectrum is an excellent Ðt, and the Be abundance from the two lines (again, 2 : 1) is well established.
BD 17¡4708.ÈThe spectrum of this star can be seen in Figure 2d and its synthesis Ðt in Figure 3d . Both Be lines could be used to evaluate the Be abundance.
BD 3¡740.ÈThis star is one of the very lowest metallicity stars in our sample. Its Be spectrum and synthesis Ðt are presented in Figure 3g . Because [Fe/H] \ [2.9, the blending lines are weak, and the synthetic spectrum provides a good match. The Ðts to the two Be lines give the same Be abundance.
BD 2¡3375.ÈThe spectrum of this low-metallicity star is well reproduced by our synthetic spectra, and both lines were used to Ðnd the Be abundance.
BD [4¡3208.ÈAlthough the S/N ratio of this spectrum is only 56, because it is a low-metallicity star ([Fe/ H] \ [2.3), the Be abundance could be found via both Be lines (as weighted 2 : 1).
BD [13¡3442.ÈThis star has the lowest value of [Fe/H] : [3.0. We integrated for a total of 11 hr on this star to achieve a S/N of 129. Its spectrum and the synthesis are shown in Figure 3h . It is difficult to make a completely compelling case for Be in this star, and skeptics may consider the abundance we give in Tables 5 and 6 to be an upper limit. There is a strong conÐrmation of the presence of Be, however ; when we Ðt the strong blending feature at 3130.25 with a Gaussian proÐle and then subtract that A Gaussian Ðt, the remaining line has exactly the correct position for Be II j3130.42. HR stars.ÈThe results for these stars have been taken from our prior work , except for HR 3775, which we have synthesized anew. Its spectrum matches the synthetic spectrum very well, and the two Be II lines give the same Be abundance. We know that there is some intrinsic spread in Be at the metallicities of solar-type stars (Boesgaard & King 1993 ; Boesgaard et al. 1998 ), and we may be seeing some evidence of that here at lower metallicities, e.g., at [Fe/H] D [1.5 ÈÈÈÈÈÈÈÈÈÈÈÈÈÈÈ 2 A recent paper by Balachandran & Bell (1998) presses the viewpoint that it is necessary to increase the UV opacity in order to make the O abundance in the Sun from the UV OH lines match that obtained for the OH IR lines. With the increased UV opacity, the solar Be abundance is then close to the meteoritic value of A(Be) \ 1.42. We look forward to a full paper on this subject, which would enable us to evaluate the results better. In the meantime, we suggest that if this e †ect is real, it might increase the Be abundances of our most metal-rich stars, but have little or no e †ect on the majority of our abundances which are for stars with [Fe/H] \ [1.0. Such an increase for the metal-rich stars would result in a better Ðt for a single straight line as shown in Figs. 5a and 5b. However, we also point out that we have derived O abundances for virtually this same set of stars (Boesgaard et al. 1999) and that the O abundance from the IR O I triplet matches those we found from the UV OH lines very well. and D[2.2. One star stands out above the line at [11.51, [1.46 (King scale) and [11.54, [1.54 (Carney scale) ; this is HD 94028, and, as mentioned above, the spectrum syntheses are for both sets of stellar parameters are excellent (see Fig. 3a ). The more straightforward equivalent-width method results in the same Be abundance as the synthesis. When this star is compared to HD 219617, which has the same metallicity, temperature, and log g, the di †erence in Be is clear : see Figures 3a and 3c . The derived Be abundances di †er by 0.6 dex, or a factor of 4. Thorburn & Hobbs (1996) have also noted the high Be abundance in HD 94028. (They compare this star with HD 194598, which they say is similar in other respects ; we Ðnd HD 194598 to be a factor of 2 higher in [Fe/H] than HD 94028, and it lies on the "" bestÐt ÏÏ line in Figs. 5a and 5b.) Another pair of stars with similar stellar parameters and di †erent Be abundances is HD 84937 and BD ]20¡3603 ; their spectra are shown in Figures 1c and 1d . Their [Fe/H] values are [2.14 and [2.15 (King scale) , and the derived Be abundances di †er by 0.3 dex, or a factor of 2. Neither HD 84937 nor HD 94028 stands out from the other stars in terms of its U, V , W velocities or values of apogalacticon distance as given in Carney et al. (1994) .
Another interesting star is BD ]23¡3912 because it has abnormally high Li [A(Li) \ 2.56] (King et al. 1996) . The Li abundance in this star is a factor of 2È3 above the halo Li plateau. This reÑects either (1) an even higher big bang Li abundance, from which all halo stars have depleted to their current level, with this star having su †ered less Li depletion than most stars, or (2) Galactic Li production having enriched the material out of which this star formed, from a low ambient (big bang) Li abundance, perhaps near the level of the currently observed plateau. No other elements, including C, O, Al, Na, and several n-capture elements, were found to be abnormal. This seems to rule out a potential Li-producing AGB companion or, for that matter, accretion of material from any source that has undergone either RGB or AGB processing. Unlike Li, Be is not abnormally high in this metal-poor subgiant. The normal Be abundance with respect to other little-evolved, near-turno † stars of similar [Fe/H] suggests that its abnormally high Li abundance is not due to dredge-up of material di †used during the main-sequence lifetime.
Since Be is produced by spallation with CNO nuclei, it is crucial to examine the relationship between Be and O. We have determined O abundances from these same spectra and stellar parameters (Boesgaard et al. 1999) . The relationship between Be and O is well represented by a single straight line. We note that the O abundances are derived in part from our UV spectra where the Be features are ; this reduces any systematic trends that might be caused by incorrect UV opacities.
If Be is produced in the ambient interstellar medium by cosmic-ray protons breaking up CNO nuclei, then, in the extreme case, the slope of the relationship between Be and O would be 2. Such a quadratic relationship results from the fact that the number of O atoms is proportional to the cumulative number of SN IIÏs (N), and the number of energetic proton cosmic rays is proportional to the instantanous rate of SN IIÏs (dN). The abundance of the spallation products is therefore the integral of the product N dN \ kN2. Thus the spallation product (Be) versus O has a slope of 2. Chemical evolution e †ects, such as an outÑow of mass from the halo, indicate that there would be a quadratic relation only at the very lowest metallicities (lower than the present sample) and a progressive shallowing of the slope to disk metallicities. From [Fe/H] between [1 and [2, the slope is close to 1.5. But if Be is produced in the immediate vicinity of the SN IIÏs (the source of both the parent CNO atoms and the cosmic rays), then the slope would be one. The reaction also produces a linear slope, CNO CR ] H&He ISM the cosmic-ray CNO being primary (Yoshii et al. 1997) . Our Be versus O slope is 1.5. This is consistent with the (traditional) mass outÑow model of energetic protons and alpha particles impinging ambient CNO in the ISM but less consistent with either of the linear slope scenarios just described.3
In our study of the O abundances we found that there is a strictly linear relationship between Fe and O, over 3 orders of magnitude in Fe, with a slope of 0.66. Now we Ðnd a robustly linear relationship between Be and O with a slope of 1.46. These two indicate that the relationship between Be and Fe must also be linear with a slope near 1. This is in fact what we have found in Figures 5a and 5b where the slope is 0.96.
Nonetheless, we chose to investigate whether there is a change in slope in the Be versus Fe relationship, in part because of the high quality of the data for HD 94028 and in part because the mass outÑow models predict a change of slope at disk metallicities. We have tried Ðtting two lines ÈÈÈÈÈÈÈÈÈÈÈÈÈÈÈ 3 The referee raised the issue of what evidence there is of mass outÑow in a massive galaxy like ours. In galactic chemical evolution models, physical ejection of gas is not necessary as much as its being lost to the process of star formation. Hartwick (1976) , for instance, suggested only that it be heated by supernovae so as to prevent further collapse into stars. The apparent need for various amounts of outÑow (and inÑow) in various galactic chemical evolution models therefore covers a multitude of uncertainties. What is required, of course, is that outÑow/inÑow invoked in models used to explain halo Fe or O evolution also produces realistic predictions for beryllium evolution.
With halo star formation now having ceased, it is not possible to observe halo mass loss (or heating) directly. However, one might appeal to galactic fountain studies as one source of direct evidence visible today. Moreover, the gravitational potential in the Galactic disk today is probably deeper than that of the fragmentary clouds involved in formation of the halo (Searle & Zinn 1978) , and it is not unreasonable to suppose that actual ejection of mass may also have occurred in those halo star-forming regions. Our data as seen in Figures 6a and 6b argue for a single slope to represent the relationships between Be and O (slope 1.45) and perhaps also for Be and Fe (Figs. 5a and  5b ). There seems to be some intrinsic scatter in Be at a given Fe and a given O. Comparably precise data for more stars are needed in order to be more deÐnite about this point.
There is currently no evidence of a Be plateau at abundances down to log N(Be/H) \ [13.5. Any primordial level predicted by nonstandard BBN must be below that value. Hoyle, Burbidge, & Narlikar (1993) have proposed a quasiÈsteady state cosmology with matter creation in ongoing "" Planckian Ðreballs ÏÏ or "" little big bangs.ÏÏ These authors make predictions concerning the light element abundances emerging from these events. The predictions are notable with respect to standard big bang nucleosynthesis in that they predict substantial production of 9Be and 11B. From Table 1 of Hoyle et al., the predicted Be abundance emerging from these creation events is log N(Be/H) D [10.5. It can be seen from Figures 5a, 5b, 6a, and 6b that our most metal-poor Be abundances are 3 orders of magnitude lower than this value. Given the complete lack of empirical or theoretical evidence suggesting 3 orders of magnitude Be depletion in metal-poor halo stars, our data are difficult to reconcile with the quasiÈsteady state predictions.
CONCLUSIONS
We have obtained high S/N ratio and high-resolution spectra of 27 stars over a range of [Fe/H] of [3.0 to ]0.1 with the Keck I telescope and HIRES in the blue and ultraviolet spectral region. We have derived Be abundances in these stars from the Be II resonance lines by two methods that are in excellent agreement. One special feature of this work is that our syntheses include the measured enhancement of O found by Boesgaard et al. (1999) for each star. We adopt the results from spectrum synthesis.
In our analysis we have used two di †erent, but plausible, sets of stellar parameters that have been carefully and consistently determined. We have examined the trends of the Be abundance with respect to both the Fe abundance and the O abundance for these stars. The relationships, which take into account the errors in both coordinates, are nearly identical for the two parameter sets.
The linear relation between Be and From this we can deduce a general and systematic increase of Be with Fe as the Galaxy evolves. There is a linkage in the formation of Be and O because Be is one of the products from spallation reactions with CNO atoms. However, Be, a trace element, increases much faster than O. As the amount of the abundant element, O, increases by 100 times, Be increases by 800 times.
In traditional models, energetic interact with H&He CR ambient CNO in the ISM. When chemical evolution e †ects such as mass outÑow are taken into account, a slope of 1.5 is predicted for halo metallicities. That is, an increase in the number of O nuclei by a factor of 100 implies an increase in the number of Be nuclei by a factor of 1000. By contrast, in the immediate vicinity of a SN II, however, both O atoms (accelerated to high energies) and energetic protons are formed, which in turn form Be. There, the number of Be atoms would be simply proportional to the number of O atoms, and an increase in O by 100 times would be accompanied by an increase in Be by 100 times. Our observed increase in Be of a factor of 800 is therefore consistent with the traditional]mass-outÑow models but is less consistent with linear models such as those producing Be in the vicinity of SN IIÏs.
We Ðnd some evidence of a spread in the Be abundance at a given O (or Fe) abundance which, if real, indicates that the contributions to Be of an individual star can be somewhat di †erent from star to star. We Ðnd no evidence of a plateau in Be at low metallicities, which might be indicative of primordial Be, down to the level of log N(Be/H) \ [13.5.
